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22 Stars notes 2019/10/18 - Fri - CNO burning, upper

MS core convection

22.1 Upper MS central T continued

Can solve for uppor main sequence central T by putting in R(M) roughly from virial
argumentns

kTc '
GMmpµ

R

Since we found for the sun T7 ≈ 2 let’s re-expand at T7 = 2. Then ν = 19 and f = f(T7 =
2)(T7/2)19 so that

Lnuc = Lrad

or
εM = Lrad

gives
M2

R3
5× 1058 1

T
2/3
7

(1.3× 10−25)

(
T7

2

)19

= L�M
3

Solving this equation using the above virial relation gives

T7 ≈ 1.83

(
M

M�

)4/21

≈ 1.83

(
M

M�

)1/5

Thus the central temperature of a CNO burning star is nearly independent of the stellar
mass.

Now to get R and Teff ,

R ∝ M

Tc
∝ M

M1/5
∝M0.8

and

L ∝ T 4
effR

2 =⇒ T 4
eff ∝

L

R2

thus

T 4
eff ∝

M3

M1.6
∝M1.4

so that
Teff ∝M0.34

so from 1-10 M� there is only a factor of 2 change in Teff while L varies by 1000.
Refer to figures below, also MESA paper 1 fig 22 and 29. We see that this is good up

to about 10 M�. It gets modified then as you continue to go up in mass due to photons
becoming important in the pressure. Note on lifetimes: The high mass stars are done
before the low mass stars even start burning. very short lifetimes.
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22.2 Structure of Upper MS Star - CNO makes a convective core

Due to the strong T dependence, the burning is very centrally concentrated and so L(r) ≈ L
very far inside the star. To figure this out we should look at the gradient d lnT/d lnP and
see if it can set off convection. The Criterion for convection

d lnT

d lnP
>

2

5

for ideal gas. The flux is

F = −4

3

ac

κρ
T 3 dT

dr
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and
dP

dr
= −ρg

so that we get
d lnT

d lnP
=
Ptot

aT 4

3

4

κ

c

L(r)

4πGm(r)

See that in the limit of a δ function ε you alway get a convective core as the above is infinite
at the center. Rewriting somewhat

d lnT

d lnP
=
Ptot

aT 4

3

4

L(r)

LEdd

M

m(r)

so we want to know how far out does the convection go?

m(r)/M

1

1

L(r)
L

less centrally concentrated

If we ask with the delta function, how far out do we need to go to get out of convection?
From before we had

Ptot

Prad

= 2600(M�/M)2

and
L

LEdd

= 4× 10−5(M/M�)2

so then asking where
d lnT

d lnP
= 0.1

M

m(r)
>

2

5

gives

m(r) <
1

4
M

So if the energy is generated in less than about a quarter of the mass,
there will be a convective core.

So the cores of massive stars convect, but the outer layers become stable and so the
heat transport is still limited by radiative diffusion. That is, the radius and M-L relation
are still determined by radiative diffusion. So then the structure is:
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lnT

lnP

T ∝ P 1/4
d lnT
d lnP

= 2
5

Convective core
burning here

radiative outer
no burning

Making a table including upper and lower main sequence stars
M/M� T7 qc = Mconv/M qenv = Mconv,env/M

60 3.9 0.73 0
15 3.3 0.4 0
5 2.64 0.23 0

1.5 1.9 0.07 0
1.0 1.5 0 0.0035
0.6 0.9 0 0.7
0.3 1 1

Note those above 1M� are burning via CNO and those 1.0 and below are pp burning.
So we can draw two pictures:

Upper Main sequence Lower Main Sequence

M > M�

radiative,
Thomson scattering

convective
core
CNO burning

M < M�

convective

Radiative
core
ppburning
Kramers opacity

These are zero age main sequence.
Show plots of several T -ρ structures showing convection from first MESA paper fig 3.

22.3 Physical basis for two spectral parameters

at the atmosphere, the scale height is

HP =
kT

µmpg
� R
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so then all atmospheric calculations can be done in a plane-parallel geometry. In that
geometry the only parameters are g = GM/R2 and the flux F leaving in erg/cm2-sec. and
the chemical abundances. We rewrite flux as

Teff ≡
(
F

σSB

)1/4

Most of what we see in spectra is variations Teff and we can measure this quite well.
At the photosphere

τ = 1 =

∫
κρdr = κy = κ

P

g

for an ideal gas at the photosphere

P =
ρkTeff
µmp

so the number density is

nph '
mpg

σThkBTeff

for κ = κes so the number density scales with gravity, the photosphere will be denser at
higher gravities. Putting numbers for the Sun

nph ' 1016cm−3

(
104

Teff

)(
g

2.7× 104cm/s2

)
Formation of spectral lines: ”absorption” lines (deficits in flux) appear because photons

at line wavelengeth come from shallower (cooler) depth in atmosphere. Opacity, κ, is higher
for photons at line wavelength, so line photosphere (τ = κP/g = 1) is shallower (lower P ).

22.4 Spectral Sequence for Stars

Now use the Saha equation to get some sense of the spectral types.
The sequence is O B A F G K M, hot to cool. This is an effective temperature scale.

There are gradations within this O1→O10, B0→B10. increasing number is colder. Also
note that in some classes not all the numbers are filled in.

Additionaly, Luminosity class: V = dwarf → I = supergiants.
Sp Type Teff M/M� (ZAMS)

O3 52,000 120
O8 36,000 23
B0 30,000 17
B5 15,400 6
A0 9520 3
G0 6030 1.05
M0 3850 0.5
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The luminosity classes are really indexed by g, but it is hard to really measure this
value. Sets the photospheric density.

Two spectral types for really cold dwarf (fairly recent additions) L and T classes.
Even worse: the spectral locations are referred to as Early type (OB) and Late type

(KM). This from an old idea of stellar evolution.

22.5 Ionization states and spectral appearance

Really determines what the spectrum ”looks” like. Quantum has to be used to set the actual
temperature scale. Most of the spectral classification comes from the presence/absence of
different elemental features. (Based on first ionization potential)

Alkali metals (Li, Na, Mg, Al), ≤ 5 eV
– (H, C, N, O) 10 < E < 20 eV
Noble (He, Ne) > 20 eV
Can get a sense by following a few ionization states. Follow ionization state for (First

ionization potential) FIP: H - 13.6 eV, He - 24.6 eV, Na - 5.14 eV.
For Na, Na+ + e− ↔ Na+ γ which gives Saha equation

nNa+ne

nNa

=

(
2πmekT

h2

)3/2

exp

(
− Ei

kT

)
taking the ratio for different species the prefactor cancels so can compare Na to H

nNa+

nNa

= exp

(
−(ENa − EH)

kT

)
nH+

nH

= 107nH+

nH

and similarly for He

nHe+

nHe

= exp

(
−(EHe − EH)

kT

)
nH+

nH

= 6× 10−10nH+

nH

where the numbers are for the sun at T = 6000 K. so the Na is ionized but the He is not.
ne(cm

−3) T1/2(Na) T1/2(H) T1/2(He)
1013 3090 8000 14500
1014 3500 9082 16500
1015 4057 10500 19000
1016 4810 12450 22570
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22.6 Showing some spectra

Figure 8.4 and 8.5 from Carroll and Ostlie show examples of various spectral types:
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OB Type: All H is ionized, He is either neutral or partially ionized. at late B you start
to see Balmer.

A Type: H lines, ionized Mg are present.
F Type: Mostly metal lines as most H is neutral AND all in ground state.
G and K
and finally M class
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spectra for L and T class:
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definitions of spectral types L and T.
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